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ABSTRACT
The formation of Population III stars is investigated using resistive magneto-
hydrodynamic simulations. Starting from a magnetized primordial prestellar
cloud, we calculate the cloud evolution several hundreds of years after first pro-
tostar formation, resolving the protostellar radius. When the natal minihalo
field strength is weaker than B ∼< 10
−13(n/1 cm−3)−2/3G (n is the hydrogen
number density), magnetic effects can be ignored. In this case, fragmentation
occurs frequently and a stellar cluster forms, in which stellar mergers and
mass exchange between protostars contribute to the mass growth of these
protostars. During the early gas accretion phase, the most massive protostar
remains near the cloud centre, whereas some of the less massive protostars
are ejected. The magnetic field significantly affects Population III star forma-
tion when Bamb ∼> 10
−12(n/1 cm−3)−2/3 G. In this case, because the angular
momentum around the protostar is effectively transferred by both magnetic
braking and protostellar jets, the gas falls directly onto the protostar without
forming a disk, and only a single massive star forms. In addition, a massive bi-
nary stellar system appears when Bamb ∼ 10
−12(n/1 cm−3)−2/3G. Therefore,
the magnetic field determines the end result of the formation process (cluster,
binary or single star) for Population III stars. Moreover, no persistent cir-
cumstellar disk appears around the protostar regardless of the magnetic field
strength, which may influence the further evolution of Population III stars.
Key words: accretion, accretion disks—binaries:general—cosmology:theory—
early universe—ISM:magnetic fields— stars: formation
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1 INTRODUCTION
Stars formed in primordial gas clouds, turned on the light in a dark universe and strongly
affected the subsequent evolution of the universe. Thus following the dark age, the first
stars, the so-called Population III stars, play important roles in the universe. The first star
formed in the first collapsed object (or minihalo) at a redshift of z ∼ 10− 20 (Haiman et al.
1996; Tegmark et al. 1997; Bromm et al. 1999, 2002; Abel et al. 2002; Yoshida et al. 2003;
Yoshida et al. 2006; Yoshida et al. 2008). Cosmological simulations have shown that the
first collapsed objects had a baryonic mass of ∼ 103 − 104M⊙ and a temperature of ∼
200 − 300K (e.g., Bromm et al. 2002). Until several years ago, it was thought that only a
single massive star with a mass of ≃ 100M⊙ forms in such an object (see the review by
Bromm & Larson 2004). The formation of Population III stars has been studied mainly by
numerical simulations because we cannot directly observe them. To determine the properties
of Population III stars, we need to understand the details of their formation. Theoretically,
the star formation process can be divided into two phases (e.g. Whitworth & Summers 1985):
the gas collapsing (or prestellar) and gas accretion (or protostellar) phases. The former covers
the phase after the cloud begins to collapse, but before the (first) hydrostatic core forms.
The latter phase is the period after protostar formation, during which gas accretes onto the
protostar or the region near it.
By the use of one-zone or one-dimensional calculations, Omukai and his collaborators
investigated the formation of Population III stars in both the gas collapsing (Omukai & Nishi
1998; Omukai 2000; Omukai et al. 2005, 2010), and gas accretion (Omukai & Palla 2001,
2003) phases. They showed that the thermal evolution of the primordial gas cloud differs
considerably from that of present-day clouds in the gas collapsing phase. They also showed
that in the gas accretion phase, protostellar radiation cannot halt mass accretion onto the
protostar and a high mass accretion rate lasts a long time. Finally, they concluded that both
high mass accretion and inefficient radiative feedback from the protostar produce a massive
(single) Population III star with a mass of M ∼ 100M⊙ in the primordial cloud.
Multidimensional effects such as those of rotation, non-spherically symmetric accretion
and magnetic fields are ignored in one-zone and one-dimensional calculations, although they
should affect the formation of Population III stars. In reality, it is expected that, during
the gas accretion phase, gas accretes onto a proto-Population III star through a circumstel-
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lar disk, and does not fall directly onto its surface. From an analogy to present-day star
formation (e.g. Tsuribe & Inutsuka 1999), we can easily imagine that a high-mass accre-
tion rate onto the circumstellar disk induces fragmentation and subsequent multiple star
formation. In addition, even during the gas collapsing phase, a non-spherically symmetric
collapse can induce fragmentation and subsequent binary formation (Miyama et al. 1984;
Matsumoto et al. 1997; Matsumoto & Hanawa 1999; Tsuribe & Omukai 2006, 2008).
Using a three dimensional simulation, Saigo et al. (2004) investigated the evolution of a
collapsing primordial cloud with a simple initial setting and showed fragmentation before
protostar formation (see also Machida et al. 2008, 2009a,b). Recently, starting from the
cosmological setting, Turk et al. (2009) also showed the possibility of fragmentation during
the gas collapsing phase. These studies imply that, in a primordial cloud, fragmentation
during the gas collapsing phase causes the formation of a (wide) Population III binary.
However, in these studies, the authors investigated only the cloud evolution before protostar
formation (i.e. during the gas collapsing phase) because the calculation time step becomes
increasingly short as gas density increases. Thus, we cannot calculate the cloud evolution
for a long duration after protostar formation without any artifice. However, to determine
how a Population III star forms in the first collapsed object, we need to calculate the cloud
evolution even during the gas accretion phase.
Clark et al. (2008) first focused on the evolution of a primordial cloud during the gas
accretion phase following the gas collapsing phase by using a sink treatment and showed mul-
tiple fragmentation in the circumstellar disk after first protostar formation. Then, by using
sink particles or sink cells, many studies have confirmed multiple fragmentation during the
gas accretion phase (Stacy et al. 2010; Greif et al. 2011; Clark et al. 2011a,b; Smith et al.
2011). All recent studies indicate that Population III stars are born in star clusters, as
observed in present-day star-forming regions. In addition, although different sizes of sink
radius (or accretion radius) were adopted in these studies, fragmentation always occurred.
This implies that fragmentation occurs on any spatial scale in primordial clouds. To deter-
mine the minimum scale of fragmentation, we have to calculate primordial clouds without
sinks. Very recently, Greif et al. (2012) investigated primordial cloud evolution without sinks,
and showed that fragmentation can occur even at a considerably small scale comparable to
the protostellar radius. Their results might mean that we have to calculate cloud evolution
without sinks to investigate fragmentation and further evolution of primordial cloud and
Population III stars.
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In addition to treating sinks differently, these studies differed in numerical settings such
as the initial conditions (cosmological setting or equilibrium sphere), thermal treatment
(barotropic equation of state or radiative cooling) and chemical networks. Although these
differences produced slight quantitative differences in the results, such as the resultant stel-
lar mass, number of fragments and fragmentation scale, fragmentation is never suppressed.
When the mass accretion rate onto the circumstellar disk from the infalling envelope is larger
than the mass flow rate to the protostar from the disk, the disk surface density (or disk
mass) continues to increase, and the disk becomes gravitationally unstable to fragmentation
(Clark et al. 2011a; Greif et al. 2011). Thus, fragmentation inevitably occurs in a primordial
cloud which has a high mass accretion rate (e.g. Omukai & Palla 2003; Hosokawa & Omukai
2009b). In addition, Smith et al. (2011) showed that the accretion luminosity of the primor-
dial protostar does not substantially affect gas accretion. Greif et al. (2011) also showed
that fragmentation cannot be suppressed even when an unrealistically strong radiation field
from primordial protostars is assumed. Thus, accretion luminosity feedback from primor-
dial protostars has a minimal effect on fragmentation or star cluster formation (Smith et al.
2012).
As a result, there is a consensus that fragmentation is a general occurrence and that mul-
tiple Population III stars form in a single primordial cloud. However, previous studies ignored
the effects of the magnetic field. Although the strength of the magnetic field is still controver-
sial (Langer et al. 2003; Ichiki et al. 2006; Xu et al. 2008; Doi & Susa 2011; Schober et al.
2012), the magnetic field may change the picture of fragmentation in collapsing primordial
clouds. The magnetic field can effectively transfer angular momentum in the circumstellar
disk by magnetic braking (Mellon & Li 2008, 2009; Li et al. 2011). Machida et al. (2008c)
showed that the magnetic field suppresses fragmentation in a primordial cloud during the
gas collapsing phase. Recently, Turk et al. (2012) investigated Population III star formation
from realistic initial condition assuming an identical uniform magnetic field and pointed
out that circumstellar disk formation tends to be suppressed in a magnetized collapsing
primordial cloud during the gas collapsing phase.
The effects of the magnetic field on Population III star formation during the gas collapsing
phase were investigated in a few studies to date, whereas those during the gas accretion phase
have not been studied with multi-dimensional calculations. This is because the magnetic field
is incompatible with the sink treatment by which we can investigate the gas accretion phase.
In the sink treatment, the gas inside the sink radius is removed, whereas the magnetic field
c© 0000 RAS, MNRAS 000, 000–000
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cannot be removed because of the divB=0 constraint. Thus, we need some other method to
investigate the gas accretion phase with a magnetic field for a long duration.
In this study, following Machida et al. (2008c), which investigated the cloud evolution
in the gas collapsing phase, we study Population III star formation in weakly magnetized
primordial clouds, especially during the gas accretion phase. First, we model the relationship
between protostellar mass and radius with a modified equation of state to realize long term
calculation in the gas accretion phase. This modelling make it possible to treat the magnetic
field even during the gas accretion phase without sinks. Then, we calculate the evolution
of an unmagnetized primordial cloud with a simple initial setting and compare our results
with a recent highly developed simulation without sinks (Greif et al. 2012) to validate our
results.
Finally, we calculate the evolution of weakly magnetized clouds and discuss the effect
of the magnetic field on the formation of Population III stars, in which large-scale ordered
magnetic fields parallel to the initial rotation axis are assumed. Note that, however, some
recent studies pointed out the possibility of generation of small-scale disordered fields (e.g.
Schleicher et al. 2010; Sur et al. 2010; Federrath et al. 2011), which can affect the disk for-
mation and fragmentation in star forming clouds (Commerc¸on et al. 2011; Seifried et al.
2012). We discuss the initial magnetic configuration and its effects in §4.2.
This paper is structured as follows. The framework of our models and the numerical
method are described in §2, and the numerical results are presented in §3. We discuss the
calculation results, compare the formation of primordial stars with that of present-day stars
in §4 and summarize our results in §5.
2 MODEL AND NUMERICAL METHOD
2.1 Basic Equations
To calculate the evolution of primordial magnetized clouds before and after primordial proto-
star formation, we use three-dimensional resistive magnetohydrodynamics (MHD) equations,
including self-gravity:
∂ρ
∂t
+∇ · (ρv) = 0, (1)
ρ
∂v
∂t
+ ρ(v · ∇)v = −∇P −
1
4pi
B × (∇×B)− ρ∇φ, (2)
∂B
∂t
= ∇× (v ×B) + η∇2B, (3)
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∇2φ = 4piGρ, (4)
where ρ, v, P , B, η, and φ denote the density, velocity, pressure, magnetic flux density,
resistivity and gravitational potential, respectively. To self-consistently determine the ther-
mal pressure and magnetic resistivity η, we first calculated the thermal evolution by using
a free-falling one-zone model starting from a hydrogen number density of nH = 0.1 cm
−3
and a temperature of T = 300K, in which a non-equilibrium chemical reaction network in
the primordial gas is solved. This calculation is basically identical to that of Omukai et al.
(2005, primordial case), although we newly add the species of Li, LiH, Li+, Li−, LiH+, Li++,
and Li+++ to the chemical networks, in addition to H, H2, H
+, H+2 , H
+
3 , H
−, He, He+,
He++, HeH+, D, HD, D+, HD+, D− and e−. Although the newly included species do not
significantly affect thermal evolution, they play a critical role in estimating the ionization
degree and/or magnetic diffusivity (for details, see Maki & Susa 2004; Doi et al. 2013). The
thermal evolution of the collapsing primordial gas is plotted against the gas number density
as a solid line in Figure 1. For reference, the thermal evolution for a solar metallicity gas
(Doi et al. 2013) is also plotted by as a dashed line in Figure 1.
The thermal evolutions are almost the same as those in Omukai (2000) and Omukai et al.
(2005). Instead of solving the thermal evolution and chemical reactions in our three-dimensional
calculation, we use the barotropic relation, which is denoted in Figure 1 by a dotted line
(for details, see §2.5). Although we recognized that the long-term thermal evolution differs
significantly from the one-zone model (Clark et al. 2011b), we use the result of the one-
zone model to focus on the effects of the magnetic field. Note that we did not calculate the
primordial cloud evolution for a very long duration (∼ 1000 yr at best). Almost the same
barotropic relation was used in very recent study (Vorobyov et al. 2013), in which the long-
term evolution (∼ 5× 104 yr) of the accretion phase of Population III stars was investigated
without magnetic field.
2.2 Resistivity and Magnetic Reynolds Number
The magnetic field plays an important role in the present-day star formation. While the
magnetic field is amplified as the cloud collapses, in present-day clouds there is signif-
icant dissipation via Ohmic diffusion once the gas reaches a density of n ∼> 10
12 cm−3
(Nakano et al. 2002; Tassis & Mouschovias 2007a,b; Kunz & Mouschovias 2010). Thus, we
have to consider Ohmic dissipation to investigate the magnetic evolution in present-day
c© 0000 RAS, MNRAS 000, 000–000
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clouds (Machida et al. 2007). On the other hand, the magnetic dissipation exacerbates the
angular momentum problem but promotes disk formation, because it lowers the efficiency of
the magnetic braking (Machida et al. 2011; but, Krasnopolsky et al. 2010 claimed that the
Ohmic dissipation rarely affects the disk formation). Thus, we should investigate the evolu-
tion of the present-day cloud with the Ohmic dissipation (e.g., Machida et al. 2007, 2011;
Tomida et al. 2013). Note that other effects such as the disordered fields (Commerc¸on et al.
2011; Seifried et al. 2012) and turbulent reconnection (Santos-Lima et al. 2012) possibly
promote disk formation in a strongly magnetized cloud (for details, see §4.2). Instead, it is
considered that the Ohmic dissipation (or magnetic dissipation) is less effective in primordial
collapsing clouds due to the high gas temperature and absence of dust grains (see below).
With the one-zone calculation, we estimate the ionization degree and resistivity. The
resistivity η is estimated as
η =
c2
4piσc
, (5)
where c is the speed of light. The electrical conductivity σc is derived using equations (41)
and (43) in Nakano & Umebayashi (1986, see also Nakano et al. 2002; Machida et al. 2007).
The resistivity (black lines) and magnetic Reynolds number (red lines) for primordial (solid
lines) and solar (broken lines) metallicity gases are shown in Figure 2. The magnetic Reynolds
number in a collapsing cloud can be written as,
Rem ≡
vf λJ
η
=
c2s
η
pi3/2
(
4
3Gρc
)1/2
, (6)
where cs, G and ρc are the sound speed, gravitational constant and central density, respec-
tively, and vf (≡ [(4/3)piGλJρc] and λJ (≡ [pic
2
s/(Gρc)]
1/2 are the free-fall velocity and Jeans
length (Machida et al. 2007).
Figure 2 shows that for the solar metallicity gas, the resistivity reaches a peak value at
n ∼ 1015 − 1016 cm−3, and the magnetic Reynolds number reaches Rem < 1 in the region of
1013 cm−3 ∼< n ∼< 10
17 cm−3, where the magnetic field dissipates significantly. Without the
removal of the magnetic field, the solar metallicity cloud cannot collapse further to form a
protostar (the so-called magnetic flux problem). On the other hand, the ionization rate in
the primordial gas cloud is considerably higher, and thus the resistivity is lower than those
for the solar metallicity gas. This is because the primordial gas is hotter than the solar-
metallicity gas (Fig. 1), and thermal ionization does not significantly lower the ionization
rate. In addition, free electrons are effectively absorbed by dust grains as gas density increases
c© 0000 RAS, MNRAS 000, 000–000
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and ionization rate decreases in the solar-metallicity gas, whereas the primordial gas does not
contain dust grains (Nakano et al. 2002; Maki & Susa 2004, 2007). As a result, the resistivity
of the primordial gas cloud is ∼ 10−107 time higher than that for the solar metallicity gas in
the range of 1013 cm−3 ∼< n ∼< 10
17 cm−3, and the magnetic Reynolds number never reaches
Rem < 1 in the primordial cloud (see also Maki & Susa 2007).
However, even in a primordial gas cloud, the magnetic Reynolds number is Rem ∼ 1−10
in the region of n ∼ 1017 − 1018 cm−3, where the circumstellar disk is expected to form.
Thus, the magnetic field can dissipate in this region in a primordial cloud. In addition, the
magnetic Reynolds number derived in equation (6) is not applicable, especially in the gas
accretion phase after first protostar formation. We roughly estimate the magnetic Reynolds
number with simple assumptions regarding the freefall velocity and Jeans length. However,
the rotation enables the infalling gas to remain around the primordial protostar for a longer
duration. Thus, Ohmic dissipation is expected to be more effective in the gas accretion phase.
Because it is difficult to estimate the magnetic Reynolds number in the accretion phase,
we need to calculate the dissipation of the magnetic field by resistive MHD calculations.
Adopting the gas pressure and resistivity shown in Figures 1 and 2, we calculate the evolution
of primordial gas clouds using equations (1)-(4).
Note that the ionization rate (or resistivity) in Figure 2 was derived using the one-
zone calculation in the gas collapsing phase. Thus, strictly speaking, it is not applicable for
the gas accretion phase, in which the disk forms. However, we adopt it as an approximate
indicator of resistivity. In reality, the magnetic dissipation by the Ohmic dissipation is not
significant in primordial clouds, as shown in Maki & Susa (2004, 2007). Therefore, it is
considered that a certain difference in the ionization degree does not qualitatively change
the results. Moreover, because we calculate the cloud evolution for a short duration after the
first protostar formation, it is expected that the ionization rate in the gas accretion phase
does not significantly differ from that in the gas collapsing phase.
2.3 Initial Conditions
Cosmological simulations have shown that the natal clouds for Population III stars have
characteristic temperatures of approximately a few hundred K and densities of n ∼ 103 −
104 cm−3 and are in an almost equilibrium state (e.g. Abel et al. 2000, 2002; Bromm et al.
2002; Yoshida et al. 2006). To mimic this, as the initial condition we adopt the critical
c© 0000 RAS, MNRAS 000, 000–000
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Bonner-Ebert (BE) sphere, which is characterized by two parameters: the central density
and gas temperature. We set the central density to n0 = 10
4 cm−3 and the gas temperature
to T0 = 214K, which were derived by the one-zone calculation. With these parameters, the
initial cloud has a radius of Rcl = 2.8× 10
5AU (1.4 pc). We enhance the density by a factor
of 1.4 to promote contraction, and the initial cloud has a mass ofMcl = 811M⊙. In addition,
to break the axisymmetry, non-axisymmetric density perturbations of m = 2 (10%) and 3
(1%) are added to the initial state.
Although we initially assume a spherical cloud with characteristics similar to those seen
in cosmological simulations, these initial conditions can be assumed to influence the results.
However, the initial cloud properties except for the physical quantities at the centre of the
cloud, affect the subsequent cloud evolution very little. After the cloud begins to contract,
the gas undergoes a self-similar solution (Larson 1969; Omukai & Nishi 1998), in which the
density profile is uniquely determined, independent of the initial cloud conditions (Larson
2003). Thus, the initial cloud conditions, such as density distribution and cloud shape, are
not crucial to investigating the collapsing phase of primordial clouds and the early phase
of protostellar evolution. This is natural because the evolution timescale of a cloud is given
by the local free-fall timescale, which is proportional to ∝ ρ−1/2. Thus, only a central high-
density cloud region first collapses (or evolves), whereas the outer low-density region is left
behind from the cloud evolution. Therefore, the outer cloud region never affects the early
phase of first protostar formation, which is the focus of this study. Note that the outer low-
density gas falls onto the protostellar system and affects the protostellar evolution with time.
Note also that, however, we cannot calculate the cloud evolution for the long time period
until the outer gas falls onto the centre of the cloud because we resolve the protostellar
radius without sink cells (see §2.5).
Machida et al. (2008) investigated the evolution of magnetized primordial clouds and
pointed out that only the magnetic field strength and rotation rate at the centre of the
cloud determine the early evolution of protostars. Thus, we also parameterize them in this
study. In each model, the cloud rotates rigidly around the z-axis and a uniform magnetic field
parallel to the z-axis is adopted in the entire computational domain. Using a combination
of two parameters, the magnetic field strength (B0) and rotation rate (Ω0), we construct
14 models. They are listed in Table 1, which also lists the magnetic γ0 (≡ Emag/Egrav)
and rotational β0 (≡ Erot/Egrav) energies normalized by gravitational energy, where Emag,
c© 0000 RAS, MNRAS 000, 000–000
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Erot and Egrav are the magnetic, rotational and gravitational energies of the initial cloud,
respectively. In addition, we estimate the mass-to-flux ratio normalized by the critical value
µ =
(
M
Φ
)
/
(
M
Φ
)
cri
, (7)
where (M/Φ)cri = 485 is the critical mass-to-flux ratio (Mouschovias & Spitzer 1976; Tomisaka et al.
1988a,b). The normalized mass-to-flux ratio for each model is also listed in Table 1.
We adopted the magnetic field strengths of 0 < B0 < 10
−5G; models 1, 2 and 14 have
no magnetic field (unmagnetized models). Because the strength of the magnetic field in pri-
mordial clouds is highly controversial, we adopt a wide range of magnetic field strengths.
Although it is also difficult to determine the rotation rate (or rotational energy) in pri-
mordial clouds, there are some indications. Observations show that nearby molecular cloud
cores have 10−4 < β0 < 1.4 with a typical value of β0 ∼ 0.02 (Goodman et al. 1993;
Caselli et al. 2002). Cosmological simulations showed that the first-star-forming cores have
β ∼< 0.1 (Bromm et al. 2002; Yoshida et al. 2006). Thus, the natal cloud of first stars are
expected to have a non-negligible rotation rate. To limit the number of models, we adopt
plausible values of the rotation rate, Ω0 = 8.5×10
−15 s−1, 2.7×10−15 s−1 and 8.5×10−16 s−1,
which correspond to β0 = 10
−2, 10−3 and 10−4, respectively.
The maximum value of β = 10−2 adopted in this study roughly corresponds to the mean
value of nearby molecular cloud cores, and is comparable to or somewhat smaller than that
derived by cosmological simulations. In principle, it would be advantageous to study higher
β parameters, however such conditions are, at present, computationally challenging. As such,
we limit the focus of this present study to the effect of the magnetic field in the presence of
somewhat smaller initial rotational energies. To obtain the general picture of the Population
III star formation, we have to calculate it in a wider parameter range or in various minihalos
in future.
2.4 Numerical Method
To calculate spatial scales which differ considerably, we use the nested grid method (for
details, see Machida et al. 2004; Machida et al. 2005a,b). Each level of a rectangular grid
has the same number of cells, (i, j, k) = (256, 256, 32), in which the cell width (l) depends on
the grid level l. The cell width is halved with every increment of the grid level. The highest
level of the grid changes dynamically to ensure the Truelove condition (Truelove et al. 1997),
in which the local Jeans length is resolved at least for eight cells. With this spatial resolution,
c© 0000 RAS, MNRAS 000, 000–000
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we can properly investigate the fragmentation process in the collapsing cloud. Note that while
sufficient for resolving the fragmentation process in these systems, our current resolution is
not sufficient for resolving the turbulent dynamo, and thus by implication, the turbulent
cascade (Federrath et al. 2011).
We first prepare five grid levels: the initial cloud (critical BE sphere) is immersed in
the fifth level. We adopt a computational boundary 32 times larger than the initial cloud
radius to safely calculate the evolution of a magnetized cloud. This treatment can prevent
the reflection of Alfve´n waves at the computational boundary (for details, see Machida et al.
2011; Machida & Matsumoto 2012). The fifth level of grid has a box size of L(5) = 5.70 ×
105AU (2.76 pc) with a cell width of h(5) = 223AU, whereas the first level of grid has
L(1) = 9.12×106AU (44.16 pc) and h(1) = 3.56×104AU. The maximum level of grid is set
to l = 21 with L(21) = 8.78AU and h(21) = 0.034AU. Thus, we can cover the structures of
both the natal cloud (∼ pc) and the protostar (< 0.1AU).
After the first protostar forms or the l = 21 grid is generated, we stop the generation
of new finer grid levels. However, we confirmed that Truelove condition was always fulfilled
in both l = 20 and 21 grids (see, §2.5). When fragmentation occurs, several fragments are
ejected from the l = 20 grid by gravitational interaction long after first protostar formation,
and the Truelove condition is violated in such fragments, which are located in the l 6 19
grid. Note that l = 20 has a box size of L(20) = 17.6AU. We do not trace fragments after
they are ejected from the central region or l = 20 grid (see §3.1). In addition, such small
fragments are not expected to significantly affect the dynamical evolution and fragmentation
around the centre of the cloud.
In this study, finer rectangular grids are fixed to the center of the collapsing cloud (or
the center of coarser grids). Thus, we cannot trace a long-term evolution of the disk because
the high-density gas region that corresponds to the disk expands with time and the Jeans
condition is finally violated in a coarser grid. Note that the disk size progressively increases
because the gas accreted later has a larger angular momentum. For this study, however,
the disk and fragmentation region were limited only in l=20 and 21 grids and the Jeans
condition was fulfilled in these grids by the end of the calculation, and thus we could safely
calculate the disk evolution and fragmentation. To calculate the disk evolution for a longer
time, we require another technique such as adaptive mesh refinement.
c© 0000 RAS, MNRAS 000, 000–000
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2.5 Protostellar Model
A Population III star gradually increases its radius in the early evolutionary stage. The
radius of proto-Population III star is R∗ ∼ 1 − 10R⊙ at its formation and increases as the
protostellar mass increases because the high mass accretion rate with high entropy causes
the protostar to swell. Omukai & Palla (2003) calculated the protostellar evolution with a
constant accretion rate of M˙ = 4.41 × 10−3M⊙ yr
−1. They showed that the protostar has
a radius of R∗ ∼ 10R⊙ when it has a mass of M∗ = 0.01M⊙ and the protostellar radius
increases roughly as R∗ ∝M
1/3
∗ (the adiabatic accretion phase; see also Hosokawa & Omukai
2009a, Smith et al. 2011, Smith et al. 2012). The protostar has a radius ofR∗ ∼ 200R⊙ when
the protostellar mass reaches M∗ ≃ 10−20M⊙. Then, for M∗ > 20M⊙, the protostar enters
in the Kelvin-Helmholtz contraction phase and begins to contract.
To investigate the circumstellar disk formation and fragmentation process in multi-
dimensional calculations, the sink cell approach is often used to realize a long-term calcula-
tion during which the sink radius (or accretion radius) is usually fixed. In present-day star
formation, the (rotating) first adiabatic core forms with a size of∼> 10AU (Saigo & Tomisaka
2006) before protostar formation. After protostar formation, the first adiabatic core becomes
the circumstellar disk (Bate 1998, 2011; Machida et al. 2010a), and fragmentation occurs
at the scale of the first core (> 10AU). As a result, the first adiabatic core gives the
typical scale of disk formation and fragmentation. In addition, during the main accretion
stage, the protostellar radius remains almost constant at ∼ R⊙ (or < 10R⊙; Stahler et al.
1980; Baraffe et al. 2009; Hosokawa et al. 2011) and is deeply embedded in the disk (or the
remnant of the first adiabatic core), which has a size of ≫ 1AU (Machida et al. 2010a;
Tomida et al. 2013). Therefore, in present-day star formation, we need a spatial scale of
∼ 1−10AU to investigate disk formation and fragmentation. In other words, we can replace
the region inside r < 1AU with a sink.
In contrast, in a primordial collapsing cloud, there is no typical spatial scale. As seen
in Figure 1, before protostar formation (n ∼> 10
18 cm−3), the gas temperature gradually in-
creases with a polytropic index γ ≃ 1.1 for the primordial cloud (Omukai & Nishi 1998),
whereas it suddenly increases at n ∼ 1011 cm−3 and gives the typical scale for the solar metal-
licity cloud (Omukai 2000; Omukai et al. 2005, 2010). Therefore, unlike the solar metallicity
case, no adiabatic core forms before protostar formation in primordial collapsing cloud.
Thus, it is expected that the circumstellar disk gradually grows, and fragmentation occurs
c© 0000 RAS, MNRAS 000, 000–000
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near the protostar. Note that in the solar metallicity case, a disk-like structure (i.e. the first
adiabatic core) with a scale of > 10AU exists even before protostar formation (Bate 1998,
2011).
In addition, as described above, the protostellar radius changes drastically from ∼ 10R⊙
to ∼ 1AU in the range of 0.01M⊙ ∼< M∗ ∼< 10M⊙. Thus, as the protostar grows, it may
swallow the circumstellar disk or fragments. In any case, to study the disk formation and
fragmentation processes, we need to resolve the region near the protostar and protostar itself
(or protostellar radius) without a sink. To investigate the effect of the sink, we calculated
the evolution of rotating or non-rotating primordial gas clouds with different sink radii in
advance (see the Appendix) and confirmed that fragmentation always occurs with a scale
several times larger than the sink radius (or the accretion radius). This indicates that the sink
radius artificially yields the fragmentation scale and controls the evolution after protostar
formation (or after sink creation). Note that when protostellar feedback is taken into account
with radiative transfer, fragmentation scale is considered to be controlled by it (Clark et al.
2011a; Smith et al. 2011). Thus, the fragmentation scale without protostellar feedback is
expected to differ from that with it.
Moreover, we cannot calculate a magnetized cloud without effective magnetic dissipation,
as described in §1. In summary, we have to calculate the cloud evolution without a sink,
resolving the protostellar radius.
However, when we resolve the inner structure of the protostar, we cannot calculate the
cloud evolution for a long-duration after protostar formation. This is because the calcula-
tion time step becomes extremely small when resolving the protostar, as seen in Greif et al.
(2012). To realize a long-term calculation after protostar formation, we construct a protostel-
lar model in which the protostellar radius is related to the protostellar mass. As described in
Omukai & Palla (2003), the protostellar mass can be related to the protostellar radius when
the mass accretion rate is given. First, to estimate the mass accretion rate, we prepared
a non-rotating primordial cloud (model 1; see Table 1) and calculated its evolution with
a sink, where the accretion radius is racc = 0.04AU is adopted (model S1; for details, see
Appendix). Figure 3 plots the mass accretion rate against the protostellar mass, in which
the mass accretion rate is calculated with the accretion gas onto the sink. This figure shows
that the mass accretion rate is in the range of 0.001 ∼< M˙/(M⊙ yr
−1) < 0.01 with an average
of M˙ = 5.1× 10−3M⊙ yr
−1 for M∗ ∼< 10M⊙.
Then we calculated the evolution of the same cloud (model 1) without a sink, but changed
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the thermal evolution (or gas pressure) in the range of n ∼> 18 cm
−3. We used the thermal
evolution derived by the one-zone calculation described in §2.1 for n < 1018 cm−3, whereas
we adopted an artificially constructed polytropic relation for n > 1018 cm−3. We constructed
30 different polytropic relations and checked the relationship between the protostellar mass
and radius for each one. (We calculated an evolution of non-rotating primordial cloud 30
times with different polytropic relations.) In each relation, the cloud collapse halts at n ∼
1018−1020 cm−3, and an adiabatic core forms because we adopted a harder equation of state
than that derived by the one-zone calculation. Then, with this harder equation of state, the
adiabatic core (or protostar) swells as the mass increases because the central region cannot
collapse further. Among the 30 polytropic relations (or 30 different calculations), we choose
the most plausible one which well describes the mass-radius relation for the primordial
protostar shown in Omukai & Palla (2003). Note that the equation of state adopted in this
study is physically required, while a stiff equation of state was used in previous studies to
halt the cloud contraction or to avoid an extremely short timestep (e.g. Bate et al. 1995;
Tomisaka 2002).
The chosen polytropic relation is plotted as a dotted line in Figure 1, and roughly obeys
the relation P ∝ ρ4 for n ∼> 10
18 cm−3. The protostellar radius with the chosen polytropic
relation is plotted in Figure 3. In addition, the thin lines in Figure 3 are the radius-mass
relations in Omukai & Palla (2003), where the protostellar radii were derived with the mass
accretion rate of M˙ = 4.41×10−3M⊙ yr
−1 (solid line) and 8.82×10−3M⊙ yr
−1 (dotted line).
Figure 3 indicates that our protostellar model agrees well with the results of Omukai & Palla
(2003). Note that in our calculation, the mass accretion rate averaged over the range of
M∗ ∼< 10M⊙ is M˙ = 5.1× 10
−3M⊙ yr
−1.
Figure 4 shows the density and velocity distributions for model 1 at different epochs,
where the cloud evolution is calculated with our protostellar model without a sink. Figure 4a
shows the structure of the central cloud region 1.16 yr before protostar formation, and Fig-
ure 4b shows that just after protostar formation (tc = 1.39 yr). Note that in this paper,
we use two different symbols t, which indicates the time elapsed after the cloud begins to
collapse and and tc, which indicates that after protostar formation. Note also that we define
the protostar formation epoch tc = 0, at which the maximum density of the collapsing cloud
exceeds n > 1018 cm−3. The central white region in Figure 4b - d corresponds to the proto-
star. With our polytropic relation, the protostar has a radius of ∼ 10R⊙ at its formation.
Then the protostar, enclosed by the shock front, swells with time, as seen in Figure 4b - d. In
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addition, the figure indicates that the gas falls radially onto the protostar without azimuthal
(and celestial) motion because the non-rotating cloud is adopted as the initial state.
Figure 5 shows the radial distribution of the density (upper panel) and velocity (lower
panel) at the same epochs as in Figure 4. The sharp increase in the density and velocity (i.e.
the shock front) corresponds to the surface of the protostar. Before protostar formation, the
density is proportional to ρ ∝ r0 around the centre of the collapsing cloud, whereas ρ ∝ r−2.2
in the outer region. In addition, the radial velocity gradually increases with decreasing radius.
These features are explained well by the self-similar solution in the collapsing cloud (Larson
1969; Omukai & Nishi 1998). In contrast, after protostar formation, the velocity continues
to increase with decreasing radius and suddenly becomes −vr = 0 at the protostellar surface
(Fig.5, lower panel). The density is proportional to ρ ∝ r−1.5 near the protostar, whereas it is
still proportional to ρ ∝ r−2.2 far from the protostar. As described in Whitworth & Summers
(1985), the density profile around the protostar changes from ρ ∝ r−2 (or ρ ∝ r−2.2 for a
primordial cloud; see Omukai & Nishi 1998) to ρ ∝ r−1.5 after protostar formation (Larson
1969; Shu 1977; Hunter 1977). Thus, our results agree well with analytical solutions.
By calculating a non-rotating cloud using a polytropic relation, we confirmed that both
the protostellar mass-radius relation and the outer density profiles agree well with analytical
solutions and one-zone (or one-dimensional) calculations derived in previous studies. With
this protostellar model, we can plausibly treat the tidal interaction and merger between
fragments (§3.1). However, we do not think that our model can completely reproduce the
evolution of the protostar and outer envelope. We ignored the effects of rotation and the
magnetic field when we constructed the protostellar model (or polytropic relation). Both
rotation and the magnetic field should have little effect on the protostellar evolution because
the thermal and gravitational energy dominate the magnetic and rotational energy inside
the protostar. Note that although both cloud rotation and the magnetic field have little
effect on the density distribution in a collapsing (primordial) cloud (Matsumoto et al. 1997;
Nakamura et al. 1999; Saigo et al. 2000; Machida et al. 2008, 2009a), they may change the
protostellar radius to some extent. In addition, we also ignored protostellar feedback, which
can affect the infalling envelope around the protostar. Note that the heating effect of the
central protostar on the ambient gas may be ignored because the ambient primordial gas
has a high temperature before protostar formation (Omukai et al. 2010). Moreover, the
protostellar mass-radius relation for M∗ ∼> 20M⊙ is not reproduced by our protostellar
model, because our model ignored the Kelvin-Helmholtz contraction phase. It seems difficult
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to consider these effects when investigating the evolution of a primordial gas cloud. In
this study, using our simple protostellar model, we investigate the cloud evolution and the
impact of the magnetic field on it. Our modelling may not be sufficiently adequate for the
quantitative estimation of certain characteristics, such as protostellar mass and number of
fragments. Thus, in this study, we focus mainly on investigating the effects of the magnetic
field on the evolution of the primordial cloud during the main accretion phase. We believe
that this study is an important step in understanding the effects of the magnetic field on
Population III star formation.
3 RESULTS
We calculated the evolution of a primordial cloud with rotation until several hundreds of
years after first protostar formation with and without magnetic fields, using the models
listed in Table 1. In this section, after we describe the cloud evolution for the model without
a magnetic field (model 2) in §3.1, we present the models with a magnetic field in §3.2.
3.1 Evolution of Unmagnetized Primordial Cloud
Figure 6 shows the density distribution around the centre of the cloud at different epochs
for model 2. The initial cloud for model 2 rotates rigidly with an angular velocity of Ω0 =
8.5×10−16 s−1 but is not magnetized (B0 = 0G). In Figure 6a, a centrally condensed density
profile is realized before protostar formation. The protostar forms t = 5.563 × 105 yr after
the initial cloud begins to collapse. Just after protostar formation, fragmentation occurs
at ∼ 1AU far from the first formed protostar (hereafter, the primary star) and two clumps
(two fragments) appear, as seen in Figures 6b and c. The disk-like structure is also confirmed
near the primary star in Figure 6c. The disk is disturbed by the clumps, which suppress the
formation of a (stable or persistent) rotating disk around the primary star. Figure 7 shows
a close-up view of the density distribution around the primary star during tc = 5.67 yr to
7.08 yr. The density and velocity distributions in Figure 7a indicate that a rotating disk
exists in the region of r ∼< 1AU. At this epoch, the clumps orbit in the outer disk region.
Then, their orbits gradually shrink, and the clumps accumulate disk mass as they approach
the primary star (Fig. 7b and c). Finally, the clumps acquire a great deal of mass from the
disk, and the disk mass is depleted (Fig. 7d).
After the first fragmentation event, fragmentation frequently occurs around the primary
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star, as seen in Figure 6e and f. Because the mass accretion rate is quite high in the collapsing
primordial cloud, the rotating disk promptly becomes massive and gravitationally unstable.
Therefore, fragmentation occurs, and many clumps appear around the primary star. In other
words, no stable rotating disk, as conceived in present-day low-mass star formation, appears
in a primordial cloud, at least during the early stage of star formation. Moreover, as shown
in Figure 7, because clumps acquire their mass from circumstellar material after they form,
the circumstellar material (or disk) is rapidly depleted. In summary, immediately after the
disk-like structure appears, fragmentation naturally occurs with a high mass accretion rate,
and the fragments wipe out the disk.
The number of clumps is plotted against the time after protostar formation in Figure 8,
in which the primary star is also counted in the number. We identified clumps as isolated
fragments having a maximum density of n > 1018 cm−3. Note that we counted the number
of clumps only in the region of r < 10AU because we cannot resolve clumps with sufficient
spatial resolution in the region of r ≫ 10AU (§2.4). Note also that we regard the clumps
which escaped from the region of r < 10AU as ejected clumps. The figure shows that
fragmentation occurs and two clumps form at tc ∼ 2 yr after primary star formation. Two
clumps merges to form a single clump which falls onto the primary star at tc = 17.1 yr. Then,
fragmentation occurs around the primary star, and 2-7 clumps appear during tc < 200 yr.
During this epoch, three clumps are ejected from the region of r > 10AU. For tc > 200 yr, a
maximum of 11 clumps appear in the region of r < 10AU. By the end of the calculation, 9
clumps have escaped from the region of r < 10AU. In addition, some of the clumps merged
with other clumps or the primary star.
Figure 9 plots the mass of primary and secondary stars against the elapsed time after
primary star formation; the mass of the secondary star is plotted only when it exceeds
> 0.01M⊙. The primary star and other clumps have masses of 0.001− 0.01M⊙ when they
form. The primary star acquires its mass from the circumstellar material. The merger of
small clumps also increases the primary stellar mass. In the figure, a sudden drop in the
mass of the primary star is caused by mass exchange between the primary star and other
clumps. When a clump approaches the primary star, it does not always merge into the
primary star, as shown in Figure 10. The clumps cannot merge with the primary star unless
the orbital and spin angular momenta are effectively transferred outward. Without effective
angular momentum transfer, some of the gas in the primary star is stripped by the clump,
and the mass of the primary star decreases. In contrast, the primary star sometime strips
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gas from the clump and increases its mass, as shown in Figure 10b and c. As a result,
the protostellar mass does not increase monotonically during the early phase of primordial
star formation. At the end of the calculation, the primary star has a mass of 8.8M⊙. In
addition, there exist many less massive clumps having masses of ∼< 0.01M⊙. Such clumps
are preferentially ejected from the centre of the cloud, as seen in Figure 6g and h.
In Figure 9, the mass decrease in the secondary star is caused by both gas stripping
from the primary star and the falling onto the primary star. During the early main accretion
phase, fragmentation occurs only near the protostar (r ∼< 5AU). Thus, the clump orbits are
comparable to the protostellar radius (∼ 0.1 − 1AU). As a result, the secondary star (and
other clumps) frequently interacts with the primary star. As the secondary star approaches
the primary star, the gas in the secondary star is gradually stripped and finally falls onto
the primary star. Therefore, the secondary star does not grow sufficiently in this early
phase. However, with time, fragmentation occurs even in the region sufficiently far from the
protostar, as shown in Figure 6. This is because the gas with a larger angular momentum
later accretes onto the circumstellar region. Although the mass of the secondary star is
0.8M⊙ at the end of the calculation, the secondary star and other clumps are expected to
increase in mass with time because their orbits are far from the primary star and they rarely
interact with other clumps and the primary star. Note that in Figure 9, because a secondary
star is ejected from the l = 20 grid at tc ∼ 400 yr, we could not pursue the secondary star
that is located in the region of r ≫ 10AU.
The trajectories of clumps which have a mass of > 0.01M⊙ are plotted on the equatorial
plane in Figure 11. This figure indicates that many clumps orbit the primary stars, and
some of them escaped from the central stellar system. In total, nine clumps were ejected
during the calculation. Moreover, a secondary star with a mass of 0.8M⊙ was ejected from
the centre of the cloud with several less massive clumps at tc ≃ 400 yr. Thus, this system
may evolve into a binary (or multiple) massive stellar system, in which some less massive
stars orbit two massive stars.
By the end of the calculation, fragmentation continues to occurs, whereas the number
of fragments around the primary star gradually decreases. Since we did not calculate the
cloud evolution for a long duration, we cannot judge whether the decrease in fragments is
temporary. As seen in Figure 6i, fragmentation rarely occurs, and a clear disk-like structure
appears as the mass of the primary star increases. A massive star can stabilize the disk
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against gravitational instability (Toomre 1964). Thus, a stable disk may appear in a further
evolutionary stage of tc ∼> 1000 yr.
The cloud evolution after first protostar formation is very similar to that seen in Greif et al.
(2012), in which fragmentation frequently occurs around the primary star. They calculated
the evolution of a primordial cloud starting from the results of a cosmological simulation
(Greif et al. 2011) and resolved the protostar itself without any artifice using a highly devel-
oped numerical code that also included chemical reactions and radiative cooling. Although
there are qualitative differences between our results and theirs, our results do not differ
quantitatively from theirs.
3.2 Evolution of Magnetized Primordial Cloud
Fragmentation frequently occurs and many clumps appear in an unmagnetized primordial
cloud, whereas only a single massive star appears in a (relatively strong) magnetized pri-
mordial cloud. In this subsection, the cloud evolution of models with different magnetic field
strengths (models 3-8) is described. Among the models, the initial cloud has a magnetic field
strength of 10−5G 6 B0 6 10
−10G, where B0 is the magnetic field strength of the initial
cloud that has a number density of n = 104 cm−3. Thus, the background magnetic field
strength Bamb is expected to be weaker than B0 because the background density is lower
than 104 cm−3, and the magnetic field is amplified as the density increases. In this subsec-
tion, we use B0 as the initial field strength for convenience; we describe the corresponding
background field strength in §5.
The magnetic field strengths at the centre of the cloud for models 3-8 are plotted against
the central number density in Figure 12. The figure shows that, as the primordial cloud
collapses, the magnetic field is amplified according to B ∝ ρ2/3, indicating that the cloud
collapses almost spherically (Machida et al. 2008c). Reflecting the initial difference in the
magnetic field, the magnetic field strength of the protostar and its surrounding gas differ
among the models. At the protostar formation epoch, the magnetic field strength around
the protostar is B ∼ 103G for model 3, but B ∼ 0.1G for model 8. Thus, roughly speaking,
the difference in the magnetic energy, which is proportional to Emag ∼ B
2, is about 8 orders
of magnitude among the models.
Figure 13 shows time sequence images for the magnetized models (column from left to
right: models 3, 4, 6, 7 and 8), in which the density distributions around the protostar
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at almost the same epochs of tc ≃ 2, 10, 30, 50, 70 and 100 yrs (each row) are plotted.
No fragmentation occurs and a single protostar forms for models with an initially strong
magnetic field (models 3, 4 and 6), whereas fragmentation occurs and a binary (model 7) or
multiple (model 8) stellar system appears for models with an initially weak magnetic field.
Model 3 has the strongest initial magnetic field, B0 = 10
−5G, and its cloud evolution
is plotted in the first column of Figure 12. The figure shows that for model 3, a disk-
like structure forms just after protostar formation (t ∼< 10 yr). We confirmed that the disk
is supported not by rotation but by the magnetic field, and it has no azimuthal velocity
component toward the protostar. Thus, this disk corresponds to the so-called ‘pseudo-disk’
(Galli & Shu 1993). For t ∼> 30 yr, filamentary structure develops around the protostar.
Without effective magnetic dissipation, the magnetic field accumulates in the protostar, and
interchange instability can occur (Spruit & Taam 1990; Spruit et al. 1995; Li & McKee 1996;
Stehle & Spruit 2001; Seifried et al. 2011; Krasnopolsky et al. 2012; Tomida et al. 2013).
Therefore, the magnetic field exudes from the protostar into the circumstellar region and
forms a filamentary structure. For model 3, we cannot confirm any sign of fragmentation
by the end of the calculation. In addition, we cannot calculate the cloud evolution beyond
t ∼ 80 yr after protostar formation for this model. This is because the Alfve´n speed becomes
quite high with a relatively strong magnetic field, and the time step becomes extremely
small. Thus, we cannot determine whether fragmentation occurs around the filaments in later
evolutionary stages. However, no fragmentation is expected because the angular momentum,
which promotes fragmentation, is effectively transferred by magnetic effects.
For models 4, 5 and 6, only a single massive protostar appears without the filamentary
structure. As seen in the second and third columns of Figure 13, no fragmentation occurs in
spite of the appearance of a pseudo-disk around the protostar. In addition, for these models,
the angular momentum around the protostar is effectively transferred by magnetic braking.
Therefore, the infalling gas has very little angular momentum toward the protostar, and
it accretes directly onto the protostar. Although the efficiency of the angular momentum
transfer decreases as the magnetic field strength weakens, the initial magnetic field strength
of B0 ∼ 10
−8G is sufficient to suppress fragmentation in the collapsing primordial cloud.
For model 7, fragmentation occurs and a binary system appears, as seen in the fourth
column of Figure 13. However, no further fragmentation occurred by the end of the calcu-
lation. Thus, even with an initially quite weak magnetic field strength of B0 = 10
−9G, the
magnetic field can transfer part of the excess angular momentum and influence the proto-
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stellar evolution. After fragmentation, the binary separation gradually increases. Thus, part
of the excess angular momentum is expected to contribute to increasing the orbital angular
momentum of the binary system, which may suppress fragmentation and disk formation
around binary systems.
For model 8, fragmentation occurs and many clumps appear, as observed in the unmag-
netized model. As seen in the fifth column of Figure 13, fragmentation occurs at tc ∼ 30 yr,
and a binary stellar system appears. Then, the binary stars merge to form a single star at
tc ∼ 50 yr. After the merger, a disk-like structure appears, and fragmentation frequently
occurs. As a result, many clumps form, as shown in the fifth row of the fifth column of
Figure 13. In the period of tc ∼> 70 yr, the cloud evolution for model 8 is similar to that of
the unmagnetized model (model 2), in which clump ejection and interaction between clumps
often occur. As a result, the magnetic field rarely influences the protostellar evolution when
the initial cloud has a magnetic field strength of B0 6 10
−10G.
Figure 14 shows the time evolution of the averaged plasma beta in the region of r < 5AU,
which is weighted by the density as
βp =
∫
(8piP/B2) ρ dv∫
ρ dv
, (8)
where P , B and ρ are the gas pressure, magnetic field strength and density, respectively,
at each mesh point. Note that in equation (8), the plasma beta of the protostar (i.e. in the
region of n > 1018 cm−3) is excluded in order to investigate the magnetic field strength of
the circumstellar gas. The figure indicates that models with an initially weak magnetic field
tends to have a high plasma beta after protostar formation. This is natural because the cloud
with an initially weak field has a globally weak field around the protostar (Fig. 12) before
protostar formation, and the magnetic field near the protostar is amplified on the basis of this
global field by the magneto-rotational instability (MRI, Balbus & Hawley 1991). In other
words, because the magnetic field strength amplification around the protostar depends on
the global field (e.g. Suzuki et al. 2010), a weaker magnetic field tends to be realized around
protostars formed in clouds with a weaker magnetic field. Note that shearing gas motion
between the protostar and the circumstellar matter could contribute to the amplification of
the magnetic field near the protostar.
As shown in Figure 14, models 3, 4 and 6 have a lower plasma beta in the range of 0.1 ∼<
βp ∼< 10; they show no fragmentation (Fig. 13). On the other hand, models 7 and 8 have βp ∼>
100 and show fragmentation (Fig. 13). This indicates that the magnetic field with βp ∼< 100
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can suppress fragmentation in primordial clouds. In present-day star formation, the suppres-
sion of fragmentation by the magnetic field is reported in many studies (e.g., Machida et al.
2005b; Machida et al. 2008a; Price & Bate 2007; Hennebelle & Teyssier 2008). This is be-
cause angular momentum (or rotation), which promotes fragmentation, is transferred by
magnetic effects.
To confirm the effects of the magnetic field around the protostar, the velocity and density
distributions on the equatorial plane at tc ∼ 20− 30 yr for models 2, 3, 6 and 8 are plotted
in Figure 15. Figure 15a indicates that, for model 3, the gas mainly flows into the protostar
through the filament without rotation, whereas the gas from the low-density region flows
out from the centre of the cloud. Note that the mass of outflowing gas on the equatorial
plane is quite small. The equatorial outflow can be confirmed in present-day star formation
with a relatively strong magnetic field (Krasnopolsky et al. 2010, 2012). In addition, in
Figures 15b and c, we can confirm that the gas flows directly to the protostar without
rotating for models 6 and 8, although a slight rotational motion is seen near the protostar
in model 8. In contrast, the rotational motion is outstanding for the unmagnetized model
2 (Fig. 15d). In summary, around the protostar, the radial velocity component is strongly
dominant over the azimuthal component in models with a magnetic field (models 3, 6,
and 8), whereas the azimuthal component dominates in models without a magnetic field
(model 2). These models have the same initial rotational energy (Table 1). Thus, Figure 15
clearly indicates that angular momentum is effectively transferred by the magnetic effect
(or magnetic braking) in models with a magnetic field. Because fragmentation occurs in a
rotation-supported disk, it is natural that no fragmentation occurs in magnetized models,
in which no rotation-supported disk forms.
In addition to magnetic braking, the protostellar jet also transfers the angular momentum
around the protostar. After protostar formation, the jet appears in models 3, 4 and 5 among
models 3–8(Table 1). The jet is driven both by magneto-centrifugally (Blandford & Payne
1982) and magnetic pressure gradient forces (Uchida & Shibata 1985). Both a moderate
magnetic field strength and moderate rotation are necessary to drive a jet in the collapsing
gas cloud (Machida & Matsumoto 2012). When the magnetic field is strong, the angular
momentum is effectively transferred by magnetic braking and the reduced rotation is insuf-
ficient to drive a powerful jet. A jet appears in model 3, which has the strongest magnetic
field among the models, although it weakens and disappears in several tens of years after
protostar formation. In addition, models 6, 7 and 8 show no jet during the calculation be-
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cause the weak magnetic field cannot drive it. On the other hand, models 4 and 5 continue
to show a powerful jet by the end of the calculation.
Figure 16 plots the structure of the jet at tc = 10 yr for model 4. For this model, a jet
appears immediately after protostar formation. The magnetic field lines are strongly twisted
by the rotation of the protostar, and drive a well-collimated jet. The jet has a maximum
velocity of 79 km s−1, which roughly corresponds to the Kepler velocity when the protostar
has a mass of ∼ 2M⊙ and a radius of 60 R⊙. The jet has a mass of ∼ 0.14M⊙ at the end of
the calculation (tc ≃ 100 yr); thus, the mass ejection rate is estimated as ∼ 0.014M⊙ yr
−1.
About 10–20% of the accreting matter is ejected by the protostellar jet.
4 DISCUSSION
4.1 Effect of Initial Rotational Energy
In §3, we described the cloud evolution when the initial cloud has a constant rotational
energy of β0 = 10
−4. The rotation promotes fragmentation during the gas collapsing phase
in primordial clouds (Machida et al. 2008,c). Thus, fragmentation is thought to occur more
frequently even during the gas accretion phase with a larger rotational energy when the
primordial cloud is unmagnetized (Greif et al. 2012). In magnetized clouds, fragmentation
is suppressed by magnetic effects. At β0 = 10
−4, no fragmentation occurs when the initial
cloud has a magnetic field of B0 > 10
−8G. However, the conditions for fragmentation are
also expected to depend on the initial rotational energy β0.
To investigate the effect of the initial rotation on fragmentation, we also calculated the
cloud evolution for models with the rotational energy of β0 = 10
−2 and 10−3 (models 9–14).
Figure 17 shows the density distribution around the protostar at tc ∼ 60 − 80 yr for these
models. Models 9–11 have the same strength of the initial magnetic field as in models 6–8,
but their initial rotational energy is 10 times larger, as shown in Table 1. With B0 = 10
−8G,
fragmentation does not occur for model 6 (β0 = 10
−4), whereas it does occurs for model 9
(β0 = 10
−3). Thus, it seems that fragmentation can occurs even in a strongly magnetized
cloud when the initial cloud has larger rotation energy.
In contrast to models with B0 = 10
−8G, when B0 = 10
−9G, fragmentation did not occur
in models with both β0 = 10
−4 (model 7) and 10−3 (model 10). As seen in Figures 13 and
17, only a single protostar exists by the end of the calculation in both models. When the
magnetic field is somewhat weak at the protostar formation epoch, the angular momentum is
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not so effectively transferred outward and a rotation disk (temporarily) forms. The magnetic
field is effectively amplified in the rotating disk by the MRI and shearing gas motion, and
the amplified magnetic field further transfers the angular momentum of the disk. Thus, the
amplified field suppresses fragmentation. Therefore, after protostar formation (or rotating
disk formation), the relation between the fragmentation condition and the magnetic field
and rotation is not so simple. For this reason, we cannot guarantee that a rapid rotation
always promotes fragmentation in magnetized clouds during the gas accretion phase. When
the initial cloud has a magnetic field of B0 = 10
−10G, fragmentation occurs in models with
both β0 = 10
−3 (model 8) and 10−4 (model 11). Thus, when magnetic field strength is
sufficiently weak, fragmentation seems to occur regardless of the initial rotational energy.
In the cloud with larger rotational energy of β = 10−2 and strong magnetic field of B0 =
10−5G (models 12 and 13), only a single protostar exists at tc ≃ 60 yr. No fragmentation
occurs for model 12, whereas fragmentation occurs just after the first protostar formation
for model 13. In model 13, although four protostars appear after fragmentation, protostars
are merged into a single protostar at tc ∼ 50 yr as seen in Figure 17. Although we adopted
a stronger magnetic field for models 12 and 13 because we have to limit the number of
models (§2.3), the magnetic field seems to induce a single Population III star formation even
in the clouds with a larger rotational energy. On the other hand, as shown in Figure 17,
fragmentation occurs in a large scale for unmagnetized model 14 that has the same initial
rotational energy as in models 12 and 13. In summary, larger rotational energy tends to
promote fragmentation (in a large scale), whereas larger magnetic energy tends to suppress
it. However, because the magnetic field is amplified by the rotation and transfers angular
momentum, we cannot simply determine the fragmentation condition in the gas accretion
phase. Further calculations are necessary to clarify it.
4.2 Effect of Initial Magnetic Configuration
In this study, we assumed large-scale ordered magnetic fields for magnetized models. We
can understand the configuration and strength of magnetic fields in nearby star forming
regions by observations of the polarization pattern and Zeeman splitting. The observation
by Li et al. (2009) showed that small-scale (or cloud core scale) magnetic fields are corre-
lated or aligned with large scale fields (see also Tamura et al. 1987; Tamura & Sato 1989;
Girart et al. 2006, 2009). Thus, we usually adopted large-scale ordered magnetic fields to
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investigate the formation of present-day stars (e.g. Machida et al. 2006; Commerc¸on et al.
2010; Seifried et al. 2011; Tomida et al. 2013). On the other hand, the configuration and
strength of magnetic fields in the early universe is controversial, because we cannot directly
observe them. However, there are some theoretical implications. Recent studies claimed that
the accretion shock onto the first star-forming halo can create turbulence which generates
weak seed magnetic fields being amplified by the small-scale dynamo (e.g., Schleicher et al.
2010; Sur et al. 2010; Federrath et al. 2011). Thus, to investigate the star formation in the
early universe, we may have to adopt small-scale disordered fields in turbulent clouds ac-
cording to the latest theoretical prediction.
When the disordered fields are adopted, local magnetic field lines are not aligned with
the local rotation axis. In such a case, the cloud evolution somewhat differs from that in
the aligned case (Matsumoto & Tomisaka 2004; Machida et al. 2006). Joos et al. (2012) cal-
culated the disk formation when the global magnetic fields are misaligned to the global
rotation axis and pointed out that misaligned fields weaken the efficiency of the magnetic
braking and promote disk formation (see also Hennebelle & Ciardi 2009; Joos et al. 2013).
Commerc¸on et al. (2011) calculated the evolution of turbulent cloud with global ordered
fields and showed the suppression of fragmentation during the early phase of the star forma-
tion. Seifried et al. (2012) calculated the cloud evolution with almost the same setting as in
Commerc¸on et al. (2011) and claimed that the magnetic braking efficiency is reduced due to
the absence of a coherent rotation structure around the center of the collapsing cloud, which
is caused by turbulence. In addition, turbulent reconnection may also weaken the magnetic
effects on the disk formation (Santos-Lima et al. 2012). Thus, it is expected that disordered
small scale fields alleviate the effect of the magnetic field or efficiency of magnetic braking.
In this study, we adopted ordered global fields as a first attempt at the problem, and will
postpone the investigation of disordered fields to a later paper.
4.3 Protostellar Mass Evolution
The magnetic field affects the environment around protostar because it suppresses disk
formation and fragmentation and drives the protostellar jet. To investigate the effect of the
magnetic field on protostellar growth, the mass of the primary star for models 2, 3, 4, 6 and
8 is plotted against the elapsed time after primary star formation in Figure 18. The primary
star corresponds to a most massive clump that has a maximum density of n > 1018 cm−3
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(§3.1), and the mass of the primary star is calculated integrating the gas in the region of
n > 1018 cm−3. The figure shows that the difference in the primary stellar mass among the
models is within a factor of ∼ 2. This indicates that the magnetic field has little effect on
the mass accretion rate onto the primary star. In present-day star formation, mass accretes
onto the protostar through the circumstellar disk. Thus, the mass accretion rate is strongly
related to the condition (or viscosity) of the circumstellar disk. On the other hand, no clear
circumstellar disk appears in a primordial cloud. When the initial cloud is unmagnetized,
fragmentation frequently occurs and fragments break up the disk. In addition, when the
initial cloud is magnetized, the magnetic field effectively transfers the angular momentum,
and no disk forms. As a result, gas accretes directly onto the protostar from the infalling
envelope. The density profile of the collapsing prestellar cloud, which roughly corresponds to
the infalling envelope after protostar formation, is described well with a simple self-similar
solution even with rotation and a magnetic field as described in §2.3. Thus, it is natural
that the models exhibit almost the same mass accretion rate. In an unmagnetized cloud,
the protostar also acquires mass from clump mergers and loses mass by mass exchange, as
described in §3.1. However, Figure 18 indicates that mergers and mass exchange do not
contribute greatly to the mass evolution of the primary star.
As described in §3, many clumps appear in the unmagnetized cloud, whereas only a single
protostar appears in the magnetized cloud. However, the primary star has almost the same
mass in any model. In addition, the mass accretion rate of the primary star for all models
is as high as M˙∗ ∼ 10
−3 − 10−2M⊙ yr
−1 during the calculations. Moreover, the primordial
cloud has sufficient mass to supply the protostar in further evolutionary stages. Although
mass accretion finally stops owing to protostellar feedback (Hosokawa et al. 2011a, 2012), a
massive protostar of≫ 10 M⊙ is expected to appear in both unmagnetized and magnetized
primordial clouds.
In addition, when fragmentation frequently occurs in the disk, “fragmentation induced
starvation” limits the protostellar mass evolution (Peters et al. 2010b). Peters et al. (2010a)
calculated the massive star formation in a massive cloud. They pointed out that the accretion
onto the central star is shut off by disk fragmentation and the formation of lower-mass
companions that can intercept the inward mass accretion. In our calculation, the protostellar
mass continues to increase for at least ∼100 yr after the first protostar formation. However,
in a further evolutionary stage, the growth rate of the protostellar mass may decrease by
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this mechanism. To determine the final stellar mass, we need to calculate the cloud evolution
for a longer time.
4.4 Comparison with Present-day Star Formation
4.4.1 Fragmentation Scale
In this study, we calculated the evolution of primordial clouds and investigated the star
formation process in the main accretion stage. In the calculations, fragmentation frequently
occurs when the primordial cloud is unmagnetized or very weakly magnetized, whereas
no fragmentation occurs when it is (strongly) magnetized. Consequently, many stars and
substellar companions appear in the former case, whereas only a single massive star appears
in the latter case. These features of star formation in primordial clouds differ in several
aspects from those in present-day clouds. It is useful to clarify the difference in the star
formation process between primordial and present-day clouds.
In present-day clouds, gas evolves almost isothermally for n ∼< 10
11 cm−3. After the gas
becomes optically thick toward dust thermal emission at n ∼ 1011 cm−3, it evolves adiabat-
ically for n ∼> 10
11 cm−3 (see Fig. 1), and the first adiabatic core forms. Next, the density
increases very slowly because a quasi-equilibrium state is realized. Thus, the first adiabatic
core has enough time to develop the perturbations which cause fragmentation. Note that,
without turbulence, because the gas collapses very rapidly and there is not enough time
to develop perturbations before the first adiabatic core forms, fragmentation does not oc-
cur unless the molecular cloud core is extremely distorted (Tsuribe & Inutsuka 1999). Note
also that, with turbulence, fragmentation can occur even in the isothermal collapsing phase
(Goodwin et al. 2004a,b; Walch et al. 2012; Seifried et al. 2012). As a result, without turbu-
lence, fragmentation can occur on the scale of a first core which is 10-100AU in size. Then,
the protostar forms ∼ 102−104 yr after first core formation. The first core (or the remnant of
the first core) remains after protostar formation and becomes the circumstellar disk (Bate
1998, 2011; Machida et al. 2010a). Thus, the circumstellar disk has a size of ∼ 10− 100AU
at the protostar formation epoch. During the main accretion phase, fragmentation occurs in
the outer region of the disk (e.g. Stamatellos et al. 2007). In addition, fragmentation rarely
occurs at r < 1AU before and after protostar formation. In summary, fragmentation occurs
at r ≫ 1AU in present-day star formation. Thus, we may introduce a sink with an accretion
radius of r ∼< 1AU.
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On the other hand, the gas pressure (or temperature) gradually increases with P ∝ ργ
(T ∝ ργ−1) and γ ∼ 1.1 in primordial clouds (Fig. 1). Unlike the case in present-day clouds,
in the primordial clouds, no adiabatic core forms before protostar formation because the
adiabatic index γ never exceeds γ > 4/3 until the protostar formation. However, fragmen-
tation can occur in the collapsing primordial cloud because there is no analytical solution
in a rotating cloud with a polytropic index of γ = 1.1 (Saigo et al. 2000). Note that there
exists a self-similar solution with γ = 1, in which no fragmentation occurs because the gas
collapses according to the solution. Although fragmentation manages to occur before pro-
tostar formation (Turk et al. 2009), it easily occurs after protostar formation because the
gas collapse stops and the perturbations necessary for fragmentation can develop. Because
the dynamical timescale (free-fall timescale or rotation timescale) is short near the proto-
star, fragmentation tends to occurs near the protostar in the early phase of star formation.
In addition, gas with a lower angular momentum, which has a smaller centrifugal radius
(Cassen & Moosman 1981), first falls near the protostar and contributes to fragmentation.
In reality, as seen in Figure 6, fragmentation occurs only near the primary protostar, at least
during the early gas accretion phase. Note that fragmentation may not occurs in the very
proximity of the protostar, because the accretion luminosity heating, which is not consid-
ered in this study, can suppress fragmentation in such a region after the protostar becomes
sufficiently massive (Clark et al. 2011b; Smith et al. 2011; Greif et al. 2011).
In summary, for the primordial case, only the (primary) protostar can give a typical scale
for fragmentation because there is no typical scale in the collapsing cloud with an adiabatic
index of γ = 1.1. If a sink cell is introduced in the primordial cloud, the sink radius (or
accretion radius) becomes the typical scale for fragmentation, and fragmentation occurs
artificially with the sink radius, as described in the Appendix. Thus, we cannot use a sink
for the primordial star formation process. On the other hand, we may use it for present-day
star formation because the typical scale appears before protostar formation with the first
adiabatic core.
Greif et al. (2012) pointed out that, in primordial clouds, fragmentation does not occur
in the range of n > 1017 cm−3, with which we can estimate the typical fragmentation scale
(or Jeans length) of λJ ≃ 0.2(T/2000K)
1/2(n/1017 cm−3)1/2AU. Thus, we may investigate
fragmentation with the sink accretion radius of racc < 0.2AU. Note that we need to be
slightly careful when using a sink (particle) implementation, since the protostellar radius
changes from 0.1AU to 1AU as the protostar evolves.
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4.4.2 Mass Accretion Rate and Fragmentation
The mass accretion rate onto the protostellar system (circumstellar disk and protostar)
differs considerably between primordial and present-day clouds: the mass accretion rate is
M˙ ∼ 0.01M⊙ yr
−1 for primordial clouds, whereas it is M˙ ∼ 10−6M⊙ yr
−1 for present-day
clouds. Thus, in the primordial cloud, the disk surface density fluctuates over a short time
period. The surface density is directly related to the gravitational instability and fragmen-
tation. The gravitational instability of the disk is described using Toomre’s Q parameter,
which is defined as
Q =
cs κ
pi GΣ
, (9)
where κ and Σ are the epicyclic frequency and surface density, respectively. The high mass
accretion rate rapidly increases the disk surface density, and the denominator of equation (9)
increases. Then, Q becomes as small as Q < 1, and gravitational instability or fragmentation
occurs. Assuming a disk mass of Md ∼ 0.01M⊙ and a disk mass accretion rate of M˙d ∼
0.01M⊙ yr
−1 for the primordial case and M˙d ∼ 10
−6M⊙ yr
−1 for the present-day case, the
disk growth timescale is
tgrow ≡
(
Md
M˙d
)
∼


1 yr for primordial clouds
104 yr for present-day clouds,
(10)
In addition, the Keplerian timescale is described as
tKep ∼
2pi
Ω
=
√
4pi2r3
GM
. (11)
As seen in Figure 6, fragmentation occurs at r ∼ 1− 5AU in primordial clouds. When r =
5AU (or 1AU) and M = 1M⊙ are substituted into equation (11), the Keplerian timescale
is t = 11.2 yr (or 1 yr). For present-day cloud, the Keplerian timescale tKep ∼ 1 − 10 yr at
1-5AU is much shorter than the disk growth timescale tgrow ∼ 10
4 yr. In this case, the disk
may adjust itself by developing a spiral structure which can transfer its angular momentum
and redistribute surface density. When the spiral structure cannot transfer sufficient angular
momentum, fragmentation may occur. In addition, the cooling timescale should be taken
into account (Gammie 2001) because the denominator (or sound speed) in equation (9)
also changes on a timescale of ∼ 104 yr (∼ tcool; Inutsuka et al. 2010). On the other hand,
for primordial clouds, the Keplerian timescale tKep ∼ 1− 10 yr is longer than or comparable
to the disk growth timescale, tgrow ∼ 1 yr. Hence, fragmentation is unavoidable because the
disk grows before it can redistribute its angular momentum and surface density. Note that
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the cooling timescale is much longer than either the Keplerian or disk growth timescale. As
a result, at a higher mass accretion rate, fragmentation tends to occur in primordial clouds.
4.4.3 Magnetic Braking Catastrophe
A magnetic field impedes disk formation. The disk is supported by rotation, and its angular
momentum is transferred by magnetic braking. Thus, when the magnetic field effectively
transfers the angular momentum outward, no disk forms around the protostar. In present-
day star formation, two processes (magnetic dissipation and a limited mass reservoir) make
disk formation possible, overcoming the magnetic braking catastrophe (Mellon & Li 2008,
2009; Li et al. 2011; Machida et al. 2011).
For present-day collapsing clouds, the magnetic field in the high-density gas region effec-
tively dissipates by Ohmic dissipation with a much lower ionization degree. The magnetic
dissipation weakens the efficiency of angular momentum transfer by magnetic braking. How-
ever, it requires appreciable time to dissipate the magnetic field. The first core (the first core
remnant), which exists for 103 − 104 yr even after protostar formation, plays a crucial role
for the Ohmic dissipation (Machida et al. 2011). Because the infalling gas stays in the first
core (remnant) for a long time, the magnetic field in the first core can dissipate, and a
rotation-supported disk forms. In addition, as the infalling envelope dissipates, magnetic
braking becomes ineffective, and the disk grows. Note that for magnetic braking to occur,
the infalling envelope must have sufficient mass because angular momentum is transferred
into the infalling envelope, which can brake the disk.
On the other hand, as shown in Figure 2, Ohmic dissipation is not so effective in primor-
dial clouds. If the gas can stay in the disk, Ohmic dissipation may decrease the magnetic
field strength. However, the disk (or first core) does not form in primordial clouds. Thus, gas
cannot stay in the circumstellar region without dissipation of the magnetic field, and angular
momentum is effectively transferred by magnetic braking. In addition, because the primor-
dial cloud has a sufficient mass of ∼ 103 − 104M⊙, the infalling envelope is not depleted.
Such a massive infalling envelope can continue to brake the disk (or transfer angular mo-
mentum outward) even long after protostar formation. Note that, however, as the protostar
becomes massive enough, the infalling envelope may be dissipated by protostellar feedback.
In summary, the magnetic braking catastrophe in primordial clouds is more serious than
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that in present-day clouds. Thus, a rotation-supported disk cannot form when a primordial
cloud is magnetized.
5 SUMMARY
In this study, we investigated the accretion phase of Population III star formation in mag-
netized and unmagnetized primordial clouds. First, to make a long-term calculation after
protostar formation possible, we constructed a protostellar model by adjusting the equation
of state, which relates the protostellar mass to the protostellar radius. Then, we calculated
the evolution of primordial magnetized and unmagnetized clouds for several hundreds of
years after first protostar formation. Our calculations yielded the following results.
• Multiple Fragments and Stellar Clusters in Unmagnetized Clouds
In unmagnetized clouds, fragmentation frequently occurs after the formation of the first
protostar, which becomes the primary (or most massive) star. A disk-like structure appears
just after first protostar formation, whereas it fragments into several clumps. Thus, although
the infalling gas tends to form a disk-like structure around the primary star, prompt frag-
mentation breaks up the disk. The mass accretion rate in primordial clouds is as high as
M˙ ∼ 10−2M⊙ yr
−1, which is about 3 – 4 orders of magnitude higher than that in present-
day clouds. With this high mass accretion rate, the disk rapidly becomes gravitationally
unstable, and fragmentation occurs before the development of sufficient non-axisymmetric
perturbation, which can redistribute the angular momentum in the disk and suppress frag-
mentation. As a result, many clumps appear in the collapsing primordial cloud. Although
some clumps fall onto the primary star, many of them survive. Thus, it is thought that a
multiple stellar system, or stellar cluster, appears in unmagnetized primordial clouds. In ad-
dition, some of the clumps are ejected from the centre of the cloud with masses ranging from
∼ 0.01M⊙ to 0.1M⊙. These clumps are expected to become metal-free low mass stars as
already shown in previous studies (Clark et al. 2008; Smith et al. 2011; Clark et al. 2011b;
Greif et al. 2012).
• Effects of Magnetic Field
When the primordial cloud is magnetized, no fragmentation occurs and a single massive
star forms. The magnetic field is amplified in proportion to B ∝ ρ2/3 in a spherically col-
lapsing cloud. The density contrast between the first collapsed object or the initial cloud
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(n ∼ 103 − 104 cm−3) and the protostar (n ∼> 10
18 cm−3) is about 1015 orders of magnitude.
Thus, the magnetic field around the protostar at its formation is about 1010 times stronger
than that of the first collapsed object. In addition, after protostar formation, the magnetic
field can be amplified by both MRI and shearing motion between the protostar and infalling
gas. Moreover, the magnetic field in primordial clouds does not dissipate significantly be-
cause of the high gas temperature and absence of dust grains. Therefore, the circumstellar
gas near the protostar has a non-negligible magnetic field strength even when the magnetic
field is quite weak in a prestellar cloud. Around the protostar, the magnetic field can effec-
tively transfer angular momentum by both magnetic braking and protostellar jets. Thus, gas
can fall directly onto the protostar without forming a rotation-supported disk. As a result,
only a single massive star appears in a magnetized primordial cloud.
• Single Star or Stellar Cluster
Although the magnetic field suppresses disk formation and subsequent fragmentation, an
extremely weak field cannot affect the dynamical evolution of a primordial cloud. To quan-
titatively estimate the effects of a magnetic field, we calculated the evolution of primordial
clouds with different parameters of the initial magnetic field. Our calculation showed that
the magnetic field can affect the formation and evolution of Population III stars when the
plasma β around the protostar is β ∼< 10 − 100, which is realized when the initial cloud,
which has a number density of 104 cm−3, has a magnetic field strength of B0 ∼> 10
−10G.
We can also estimate the magnetic field strength of the ambient medium using the relation
B ∝ ρ2/3 (Table 1). Assuming a hydrogen number density of n = 1 cm−3, the Population III
star formation in magnetized clouds can be classified as


Single Massive Star : Bamb ∼> 10
−12 (n/1 cm−3)−2/3 G,
Binary System : 10−12 (n/1 cm−3)−2/3 G ∼< Bamb ∼< 10
−13 (n/1 cm−3)−2/3 G,
Multiple Stellar System : Bamb ∼< 10
−13 (n/1 cm−3)−2/3 G.
Thus, the effect of the magnetic field can be ignored when the magnetic field in the ambient
medium is weaker than 0.1 pG, Bamb ≪ 10
−13 (n/1 cm−3)−2/3 G. Note that this condition
may differ somewhat if the initial cloud has a larger initial rotational energy.
• Mass Accretion Rate onto Primary Star
In previous studies with one-zone or one-dimensional calculations, the mass accretion rate
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onto the Population III star was estimated as M˙ ∼ 10−2− 10−3M⊙ yr
−1. In our calculation,
all the models have almost the same mass accretion rate of M˙ ∼ 10−2M⊙ yr
−1. Thus, the
mass accretion rate derived in our three-dimensional calculation is comparable to that in
spherically symmetric calculations. In addition, the mass accretion rate depends little on the
magnetic field strength. When the primordial cloud has a relatively strong magnetic field, no
disk forms, and gas falls directly onto the protostar. Thus, it is natural that the mass accre-
tion rate in the magnetized cloud corresponds well to that derived in spherically symmetric
calculations. On the other hand, the gas accretion process is complicated in clouds without
a magnetic field (or with an extremely weak field). In such a cloud, gas first falls onto the
region near the protostar and tries to form a circumstellar disk. However, fragmentation
occurs just after the disk-like structure appears. After disk fragmentation and clump forma-
tion, clumps disturb the circumstellar region. The angular momentum around the primary
star is effectively transferred by the gravitational torque caused by orbital motion of the
clumps, and gas accretion onto the primary star is promoted. Although clump merger and
mass exchange between the primary star and clumps contribute to the mass growth of the
primary star, the primary star effectively acquires most of its mass from the circumstellar
region or the infalling envelope.
• No Stable Disk Formation and Final Stellar Mass
In present-day star formation, a rotationally supported disk appears around the protostar.
In contrast, a persistent disk never appears in either magnetized or unmagnetized primordial
clouds. In unmagnetized primordial clouds, although a transient disk-like structure appears,
fragmentation occurs, and several clumps form immediately after its formation. The clumps
absorb the gas in the disk and break up the disk. In magnetized primordial clouds, no
rotationally supported disk forms because the angular momentum is effectively transferred
by magnetic effects (the magnetic braking catastrophe). Therefore, the formation process
of Population III stars seems to differ from that of present-day stars. However, we need a
more long-term calculation with a more realistic setting to investigate further the evolution
of Population III stars.
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Table 1. Models and results
Model B0 (B1) [G]∗1 Ω0 [s−1] γ0 β0 µ Frag.∗2 Jet∗3
1 0 (0) 0 0 0 ∞ No No
2 0 (0) 8.5× 10−16 0 10−4 ∞ Yes No
3 10−5 (2.2 × 10−8) 8.5× 10−16 2.6× 10−2 10−4 6.4 No Yes
4 10−6 (2.2 × 10−9) 8.5× 10−16 2.6× 10−4 10−4 64 No Yes
5 10−7 (2.2 × 10−10) 8.5× 10−16 2.6× 10−6 10−4 640 No Yes
6 10−8 (2.2 × 10−11) 8.5× 10−16 2.6× 10−8 10−4 6.4× 103 No No
7 10−9 (2.2 × 10−12) 8.5× 10−16 2.6× 10−10 10−4 6.4× 104 Yes (B) No
8 10−10(2.2× 10−13) 8.5× 10−16 2.6× 10−12 10−4 6.4× 105 Yes No
9 10−8 (2.2 × 10−11) 2.7× 10−15 2.6× 10−8 10−3 6.4× 103 Yes (B) No
10 10−9 (2.2 × 10−12) 2.7× 10−15 2.6× 10−10 10−3 6.4× 104 No No
11 10−10 (2.2 × 10−13) 2.7× 10−15 2.6× 10−12 10−3 6.4× 105 Yes No
12 10−5 (2.2 × 10−8) 8.5× 10−15 2.6× 10−2 10−2 6.4 No Yes
13 10−6 (2.2 × 10−9) 8.5× 10−15 2.6× 10−4 10−2 64 No Yes
14 0 (0) 8.5× 10−15 0 (0) 10−2 ∞ Yes No
∗1 B0 and B1 are the magnetic field strengths at n = 104 cm−3 and n = 1 cm−3, respectively.
∗2 Whether fragmentation occurred; B indicates a binary system.
∗3 Whether a jet appeared.
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Figure 1. Gas pressure P normalized by number density n for zero-metallicity Z = 0 gas (solid line) with our protostellar
model (dotted line) against the hydrogen number density, where kb is the Boltzmann constant. Solar metallicity gas (dashed
line) is also plotted.
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Figure 2. Resistivity η (left axis) and magnetic Reynolds number Rem (right axis) as functions of number density. Solid lines
denote the zero-metallicity case (Z = 0); broken lines denote the solar metallicity case (Z = Z⊙).
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Figure 3. Protostellar radius (left axis) and mass accretion rate (right axis) against the protostellar mass. Protostellar radii
calculated with M˙ = 4.41 × 10−3 M⊙ yr−1 and 8.82 × 10−3 M⊙ yr−1 by Omukai & Palla (2003) are also plotted; they are
approximately determined by the relation R∗ ∝M
1/3
∗ .
c© 0000 RAS, MNRAS 000, 000–000
42 M. N. Machida & K. Doi
Figure 4. Density (colour and contours) and velocity (arrows) distributions on the equatorial plane around the protostar at
different epochs for model 1. Elapsed time after protostar formation and velocity scale are shown in each panel.
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Figure 5. Density (upper panel) and velocity (lower panel) distributions against the radius from the centre of the cloud at
four different epochs for model 1. The relations ρ ∝ r−2.2 and ρ ∝ r−1.5 are also plotted in the upper panel.
c© 0000 RAS, MNRAS 000, 000–000
44 M. N. Machida & K. Doi
Figure 6. Time sequence images around the centre of the cloud for model 2. In each panel, the density (colour) distribution
on the z = 0 plane is plotted. The box size is different in each row. Elapsed time after protostar formation is given in each
panel.
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Figure 7. Density (colour) and velocity (arrows) distributions around the centre of the cloud on the z = 0 plane during
tc = 5.67 yr to 7.08 yr.
c© 0000 RAS, MNRAS 000, 000–000
46 M. N. Machida & K. Doi
Figure 8. Number of clumps in the region of r 6 10AU against the elapsed time after protostar formation.
Figure 9. Mass evolution of primary and secondary stars against elapsed time after protostar formation.
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Figure 10. Density (colour) distributions around the centre of the cloud on the z = 0 plane during tc = 165.13 yr to 166.37 yr.
Primary star exchanges mass with small clump.
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Figure 11. Trajectories for first formed protostar (or primary star; black dots) and later formed clumps (red dots) plotted
on the equatorial plane.
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Figure 12. The z-components of the magnetic field strength at the centre of the cloud before protostar formation for models
3-8 against central number density. The relation B ∝ ρ2/3 is also plotted.
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Figure 13. Time sequence images for models 3 (first column), 4 (second column), 6 (third column), 7 (fourth column) and
8 (fifth column). In each panel, the density (colour) distribution on the equatorial plane is plotted with a box size of 8.8AU
(first-third rows) and 17.6AU (fourth-sixth rows). Elapsed time is noted at the top of each panel.
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Figure 14. Plasma beta in the region of r < 5AU for models 3, 4, 6, 7 and 8 against the elapsed time after protostar formation.
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Figure 15. Density (colour) and velocity (arrows) distributions on the equatorial plane for models 2, 3, 6 and 8. Elapsed
time, initial magnetic field strength and model name are noted at the top of each panel.
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Figure 16. Three-dimensional structure of the jet for model 4. The structures of the jet (vz > cs; green), protostar (grey)
and magnetic field lines (blue and white streamlines) at tc = 10 yr are plotted. The density distributions on the x = 0, y = 0
and z = 0 planes are projected on the wall surface.
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Figure 17. Density (colour) distribution on equatorial plane for models 9-14. Elapsed time after protostar formation, param-
eters (b and β) and model name are given in each panel.
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Figure 18. Primary protostellar mass for models 2, 3, 4, 6 and 8 against the elapsed times after protostar formation.
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APPENDIX A: EFFECT OF SINK
To investigate the effects of a sink cell on primordial star formation, we calculated the cloud
evolution with a sink for models 1 and 2 of Table 1. We started the calculation without the
sink and calculated the cloud evolution during the gas collapsing phase. Later, we introduced
the sink when the cloud density exceeded the threshold density nthr. After sink creation, we
removed the gas exceeding nthr inside the accretion radius r < racc from the computational
domain and added it to the protostar as a gravitating mass in each time step (for a detailed
description, see Machida et al. 2010a, 2011b; Machida & Matsumoto 2012). To examine the
effect of the sink, we prepared seven different criteria for sink creation by changing the
threshold densities and accretion radii of the sink. The sink models are listed in Table A1.
The Jeans length derived from the threshold density and corresponding temperature in our
one-zone model is also listed. In all models (S1-S6), the accretion radius is smaller than
the Jeans length. In the calculation, we resolved the accretion radius, using at least eight
mesh points in the radial direction. Thus, the Truelove condition (Truelove et al. 1997) is
satisfied during the calculation, and we can properly calculate fragmentation with the sink.
First, we calculated the evolution of a non-rotating cloud (model 1, see Table 1) with the
sink. Figure A1 shows the mass accretion rate with different sink models against the elapsed
time after sink creation (or protostar formation). The figure indicates that the mass accretion
rate depends very little on the accretion radius (or threshold density) of the sink, although
the cloud evolution just after protostar formation cannot be resolved when the accretion
radius is very large (models S5 and S6). In a non-rotating cloud, the gas simply falls onto
the centre of the cloud, maintaining spherical symmetry without either the disk formation
or jet emergence. Therefore, the mass accretion rate depends only on the properties of the
infalling envelope, which are determined during the gas collapsing phase before protostar
formation. As a result, it seems that protostellar evolution in a non-rotating cloud can
be calculated with a (large) sink. In reality, radiation from the protostar should weaken
the mass accretion (Hosokawa et al. 2011a, 2012) when the protostar becomes sufficiently
massive (Omukai et al. 2010).
In contrast to the case of the model without rotation, the sink greatly affects the evolution
of a rotating cloud. We also calculated the evolution of the rotating cloud (model 2) with
different sink criteria (sink models S1-S6). In the calculations, fragmentation occurs in all
the sink models, although the fragmentation scales differ among the models. The upper
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Table A1. Threshold density and accretion radius for sink
Model nthr [ cm
−3] racc [AU] λJ [AU]
S1 1016 0.15 0.95
S2 1014 0.3 10
S3 1012 1 86
S4 1010 5 900
S5 108 60 8200
S6 107 140 22000
panel of Figure A2 shows the time evolution of the separation between the primary and
secondary stars. The separation of the fragments depends strongly on the accretion radius.
For example, the model with racc = 140AU (model S6) has a separation of rsep ∼ 400AU
at tc = 100 yr, whereas that with racc = 0.15AU (Model S1) has rsep ∼ 1AU at the same
epoch.
The lower panel of Figure A2 plots the separations normalized by the accretion radius and
shows that fragmentation scale is 2-4 times the accretion radius. Thus, Figure A2 indicates
that fragmentation occurs at the scale of the sink (i.e. the accretion radius racc) and the
separation of the fragments in further evolutionary stages is also proportional to the accretion
radius. In summary, the evolution of a rotating cloud is controlled by the sink properties.
Figure A3 shows the calculation result without the sink for model 2 and indicates that
fragments are distributed at distances of 3 − 14AU from the primary star. During the
calculation, fragmentation occurs at 0.1AU < r < 30AU. In present-day star formation,
fragmentation occurs at a scale of ∼ 1 − 100AU; this corresponds to the scale of the (ro-
tating) first adiabatic core, which yield the typical fragmentation scale. On the other hand,
a primordial cloud has no typical scale, indicating that fragmentation is possible at any
scale. When the sink is adopted, the accretion radius becomes a typical fragmentation scale,
and fragmentation occurs depending on the sink scale (or accretion radius). When no sink
is used, the protostar gives the typical fragmentation scale, and fragmentation occurs near
the protostar. In principle, we should resolve the typical scale determined by the physics.
Therefore, we have to resolve the first adiabatic core, with a size of ∼ 1AU for present-day
star formation and the protostar, with a size of ∼ 0.01AU, for primordial star formation. A
sink radius of ∼ 1AU may be applicable for present-day star formation, whereas a spatial
resolution of 0.01AU is necessary for primordial star formation.
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Figure A1. Mass accretion rate of non-rotating cloud (model 1) with different sink models (S1 – S6) against the elapsed time
after protostar formation.
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Figure A2. Top: Separations between primary and secondary stars against elapsed time after protostar formation for different
sink models S1 – S6. Bottom: Separations normalized by the accretion radius (or sink radius).
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Figure A3. Density (colour) and velocity (arrows) distributions for model 2 at tc = 301 yr. Dotted circles indicate radii of 1,
5, 10 and 15AU from the primary (or first formed) protostar.
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